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ABSTRACT
We study influence by models of inter-stellar medium (ISM) on properties of galaxies in
cosmological simulations. We examine three models widely used in previous studies.
The ISM models impose different equations of state on dense gas. Using zoom-in
simulations, we demonstrate that switching the ISM models can control formation of
giant clumps in massive discs at redshifts z ∼ 1–2 while their initial conditions and
the other settings such as stellar feedback are unchanged. Thus, not only feedback but
ISM models can also be responsible for clumpy morphologies of simulated galaxies.
We find, however, that changing the ISM models hardly affects global properties of
galaxies, such as the total stellar and gas masses, star formation rate, metallicity
and stellar angular momentum, irrespective of the significant difference of clumpiness;
namely the ISM models only change clumpiness of discs. In addition, our approach
provides a test to investigate impact by clump formation on the evolution of disc
galaxies using the same initial conditions and feedback. We find that clump formation
does not significantly alter the properties of galaxies and therefore could not be the
causes of starburst or quenching.
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1 INTRODUCTION
Recent observations suggest that star-forming galaxies tend
to have clumpy morphologies, and the structures which are
often referred to as ‘giant clumps’ are detected with star-
forming lights such as Hα and ultraviolet (UV) emission.
Number fractions of these clumpy galaxies increase with red-
shifts z up to ∼ 50 per cent at z ' 2–3, depending on their
masses (Tadaki et al. 2014; Murata et al. 2014; Guo et al.
2015; Shibuya et al. 2016; Buck et al. 2017). Although a
substantial fraction of such clumpy galaxies can be ongoing
mergers (e.g., Weiner et al. 2006; Fo¨rster Schreiber et al.
2009; Puech 2010; Ribeiro et al. 2017), giant clumps are
considered to reside in disc structures of galaxies since the
majority of star-forming galaxies at z ' 1–2 are observed to
be rotation-supported systems (e.g. Wisnioski et al. 2015).
Accordingly, formation of giant clumps in these high-redshift
galaxies is thought to be driven by dynamical instabilities
such as Toomre instability (e.g. Noguchi 1998, 1999; Dekel
et al. 2009), fragmentation of spiral arms (Inoue & Yoshida
? E-mail: shigeki.inoue@nao.ac.jp
2019, 2018) and other non-linear processes (Inoue et al.
2016). The high-redshift clumpy galaxies may be progeni-
tors of low-redshift spiral galaxies (e.g. Shlosman & Noguchi
1993; Noguchi 1998, 1999). It is important to study the na-
ture of star-forming galaxies hosting giant clumps since giant
clumps can be relevant to formation processes and dynam-
ical properties of galactic structures such as discs, bulges,
dark matter (DM) haloes and halo objects (e.g. Elmegreen
et al. 2005, 2008; Elmegreen & Elmegreen 2006; Bournaud
et al. 2007; Elmegreen & Struck 2013; Inoue & Saitoh 2011,
2012, 2014; Nipoti & Binney 2015; Clarke et al. 2019).
Cosmological simulations are often used to study for-
mation and evolution of galaxies. For clumpy galaxies, how-
ever, results of previous studies are divergent. Cosmologi-
cal zoom-in simulations performed by Ceverino et al. (2010,
2012, 2014, VELA simulations) demonstrate that gas-rich
galaxies can form giant clumps, and some clumps are mas-
sive enough to be gravitationally bound structures and fi-
nally fall into the galactic centre in their orbital time-scales.
Such clumps are typically long-lived (Mandelker et al. 2014).
In new versions of VELA simulations where the effect of ra-
diation pressure is also included in addition to supernovae
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(SNe) and runaway stars1, Moody et al. (2014) and Man-
delker et al. (2017) show that massive clumps >∼ 108 M
form and survive until merging with central bulges, although
the numbers of low-mass clumps are reduced significantly.
Genel et al. (2012) take into account effects of strong winds
from clumps with their parametric method in their simula-
tions and show that a clump cannot grow massive and is dis-
rupted by galactic tide soon after its formation; they propose
that giant clumps are short-lived and transient structures.
Buck et al. (2017, NIHAO simulations) perform mock obser-
vations for their cosmological simulations using post-process
radiation transfer. They find that the clumps are bright only
in star-forming lights and hardly seen in stellar and gas
density distributions; the ‘apparent’ clumps are short-lived
structures, and do not migrate to the galactic centres. Ok-
lopcˇic´ et al. (2017, FIRE simulations) also show that most of
clumps have high virial parameters with α >∼ 1, indicating
only marginally bound or unbound states. Their clumps dis-
appear in ∼ 20 Myr after their formation. The variety of the
findings in the above studies is generally attributed to dif-
ferences in their stellar feedback processes such as SNe and
radiation from massive stars. Strong feedback can prevent a
dense gas cloud from collapsing and/or further accretion of
surrounding gas once stars form within it. Previous studies
suggest that formation of clumps can be used as a testbed
of feedback processes in simulations (e.g. Tamburello et al.
2015; Mayer et al. 2016).
In this study, we examine the effect of ISM models
in cosmological simulations. In particular, we investigate
the influence of the models on ‘clumpiness’ and physical
properties of simulated galaxies. ISM models enforce sim-
plified equations of state (EOS) on dense gas without self-
consistently solving cooling and heating effects. ISM models
are often designed to take into account feedback effects such
as SNe with analytical prescriptions (see Section 2.3.1). In
this sense, ISM model is an alternative way to implement the
feedback effects in an approximated manner. Previous stud-
ies using simulations with isolated disc models have shown
that EOS of gas significantly affects clumpiness of discs and
fragmentation of spiral arms (e.g. Schaye & Dalla Vecchia
2008; Bournaud et al. 2011). Generally, a softer EOS leads
discs to have more clumpy morphologies. However, using a
different ISM model may change global properties of galax-
ies, such as stellar and gas masses, star formation rates
(SFRs), metallicities and disc sizes. These properties are
often used to calibrate sub-resolution physics by matching
simulations with observations. It is naively expected, there-
fore, that we cannot change ISM models arbitrarily.
We use zoom-in cosmological simulations to show that
difference of ISM models can largely impact on clumpiness of
galaxies while their global properties are almost unchanged.
In Section 2, we describe settings of our simulations and de-
tails of the ISM models we examine. Our simulation results
are shown in Section 3, and we discuss the results in Section
4. In Section 5, we present our conclusions and summary.
1 Thirty per cent of the newly formed stellar particles are as-
signed velocity kick of ∼ 10 km s−1. They can migrate ∼ 100 pc
away from dense regions and explode as SNe in low-density re-
gions where cooling times are long (Ceverino et al. 2010).
2 COSMOLOGICAL SIMULATIONS
We use the moving-mesh/N -body code Arepo (Springel
2010) to perform cosmological simulations. Our simulations
take into account various sub-resolution physics responsi-
ble for formation and evolution of galaxies, as described in
Section 2.2. Throughout the paper, our adopted cosmologi-
cal parameters are Ωm = 0.307, Ωb = 0.048 and ΩΛ = 0.693
with a Hubble constant of H0 = 100h km s
−1 Mpc−1, where
h = 0.68 (Planck Collaboration 2014). Settings and physi-
cal parameters of our simulations are basically the same as
those in the Auriga simulation (Grand et al. 2017) that also
uses Arepo, except initial conditions (see Section 2.1). We
also test different ISM models (see Section 2.3). Details of
the code and physical models considered in our simulations
have been presented in Grand et al. (2017, and references
therein).
2.1 Initial conditions
Initial conditions of our simulations are created with a pub-
licly open code MUSIC (Hahn & Abel 2011). The simu-
lation box has a comoving side length of 100 Mpc. First,
we perform an N -body run excluding baryons with a coarse
resolution until redshift z = 1. We then select five haloes of
M200 = 10
12–1013 M from those detected with a friend-
of-friend algorithm (Davis et al. 1985). Our halo selection
is just for sampling haloes within this mass range and does
not consider their merger histories nor other properties such
as a degree of isolation from other haloes.
Second, we re-run the simulation including baryons. An
ellipsoidal region enclosing all particles within 2R200|z=1
of a target halo is resolved with higher resolutions, where
a DM particle and a gas cell have mass resolutions with
mDM = 5.8× 105 M and m˜g = 9.0× 104 M, respectively.
The zoom simulations are evolved until z = 1. The moving-
mesh code operates mesh regulations such as motions of
gas cells, refinement and derefinement so that each gas cell
keeps its mass mg ' m˜g within a factor of 2 throughout
the runs. Stellar particles are created with an initial mass-
resolution ms ' m˜g within a factor of 2. In the zoom simula-
tions, the comoving gravitational softening length of a high-
resolution DM particle is set to DM = 0.74 kpc with the
upper limit of DM,max = 0.37 kpc (physical), and that of a
stellar particle scales with its mass as s = DM(ms/mDM)
1/3
with the upper limit of s,max = 0.37 kpc (physical). The
softening length of a gas cell varies with its cell volume
Vcell as g = 2.8[3Vcell/(4pi)]
1/3 with the lower limit of
g,min = 074 kpc (comoving); however the size of a gas cell
is allowed to become smaller than g,min in dense regions
with converging flows. Magnetic fields are initially oriented
to the same direction and uniform with 10−14 G (comoving);
however the magnetic fields little affect formation histories
or morphologies of galaxies (Pakmor et al. 2017).
2.2 Sub-resolution physical models
In our simulations, dense gas with ρg > ρth is considered to
be capable of forming stars. Such star-forming gas can create
stellar particles according to a stochastic model of star for-
mation, in which an SFR of the gas cell is proportional to its
star-forming mass xmg and given as SFR = 0.079xmg/tSF
c© 2014 RAS, MNRAS 000, 1–??
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where mg is a mass of the cell, tSF ≡ (Gρg)−1/2, and x
represents a mass fraction of cold gas which is responsible
for star formation. The factor x is computed in ISM mod-
els (see Section 2.3). The star-formation threshold is set to
ρth = 4.50 × 106 M kpc−3 irrespective of temperature or
other conditions, which corresponds to nH,th = 0.13 cm
−3 in
units of the atomic hydrogen number density2 (the vertical
dashed lines in Fig. 1).
Each stellar particle is represented with a single stel-
lar population given by the initial mass function (IMF) of
Chabrier (2005). The amounts of metal elements produced
by stars are computed with tabulated yields: Portinari et al.
(1998) for asymptotic giant branch (AGB) stars: Karakas
(2010) for core-collapse SNe, and Thielemann et al. (2003)
and Travaglio et al. (2004) for type-Ia SNe. Type-II SNe
are assumed to take place immediately after the star for-
mation in the mass range of 8–100 M. Type-II SNe are
assumed to release the energy of 1.7× 1051 erg per SN, and
its feedback effect within a star-forming gas cell is modelled
by ejecting a wind particle in a random direction (Springel
& Hernquist 2003) with a velocity of 3.46σDM, where σDM
is the one-dimensional velocity dispersion computed from
the nearest 64 DM particles (e.g. Okamoto et al. 2010). The
wind particle carries forty per cent of the heavy elements
that have been synthesised and expelled by the SNe, and
the rest is immediately distributed to nearby gas cells when
the star formation occurs (Vogelsberger et al. 2013). An or-
bit of the wind particle is computed only gravitationally, i.e.
the hydrodynamical forces are ignored explicitly. The wind
particle travels until the maximum travel time or reaching
a low-density gas cell with ρg < 0.05ρth. The wind particle
finally deposits its mass, metals, momentum and energy into
the gas cell in which it is located. Type-Ia SNe and AGB
stars eject mass and metals into nearby gas cells every time-
step. Our simulations also include creation and feedback of
black holes (Springel et al. 2005).
2.3 ISM models
Basically, gas in our simulations cools by radiative and
metal-line cooling with self-shielding corrections computed
using CLOUDY (Ferland et al. 2013). Heating by spatially
uniform UV background fields is also included, which com-
pletes reionization at redshift z ∼ 6 (Faucher-Gigue`re et al.
2009). The temperature and pressure of dense gas are com-
puted in different manners depending on ISM models (see
below). We describe details of the ISM models in Sections
from 2.3.1 to 2.3.3. The other physical models and the re-
lated parameters are unchanged.
We examine three ISM models, which are referred to as
two-phase, polytrope and single-phase models in this paper.
The two-phase ISM model is motivated to take into account
the effect of unresolved star formation as sub-resolution
physics. Therefore, this model is expected to be realistic
if the sub-resolution model is accurate. The polytrope ISM
model is not physically motivated but designed to prevent
artificial fragmentation of dense gas. Since the EOS of the
2 In this study, we denote gas density as ρg and nH in units of
solar mass per cubic kilo-parsec and atomic hydrogen number per
cubic centimeter, respectively.
polytrope model is softer than but similar to that of the
two-phase model, the characteristics of the two-phase model
is also expected to be somewhat reflected in the polytrope
model. The single-phase ISM model self-consistently com-
putes temperature evolution of dense gas from the given
cooling/heating rates. Star formation in this model is only
represented by creation of stellar particles; therefore this
model lacks the effect of star formation and feedback in sub-
resolution scales. However, the sub-resolution model would
no longer be necessary if resolutions of simulations are high
enough to sufficiently capture star formation. In this case,
the single-phase model can be expected to achieve realistic
representation of dense gas. Since each of these ISM models
has its advantage and disadvantage, it is unclear which ISM
model is the best for cosmological simulations. Hence, we
discuss how changing the ISM models influences disc galax-
ies in the zoom-in cosmological simulations from the view-
point of giant clump formation.
2.3.1 Two-phase ISM model
The ISM model proposed by Yepes et al. (1997) assumes
that a single gas cell with ρg > ρEOS consists of hot- and
cold-phase gas (see also Springel & Hernquist 2003); there-
fore we refer to this model as ‘two-phase ISM model’. The
cold-phase gas hosts unresolved stars according to the same
IMF assumed in the star formation model (Section 2.2),
and stars more massive than 8 M are assumed to in-
stantaneously explode as type-II SNe. The mass fraction
of such massive stars is computed to be β = 0.23 in the
case of the Chabrier IMF, and the number of type-II SNe is
nSN = 0.012 M
−1
 in the total mass of new stars formed with
the IMF. This means that the average mass of the stars ca-
pable of triggering type-II SNe is mSN = 19.1 M. Although
the two-phase ISM model considers the same amount of SFR
described in Section 2.2, the mass fraction 1−β of the newly
formed stars are ‘unresolved’. Stellar particles are not gener-
ated by such unresolved star formation, but the model effec-
tively incorporates the SN feedback caused by the massive
stars accounting for the mass fraction β.
Gas released by the SNe joins the hot phase, and a
certain amount of the cold-phase gas is evaporated to the
hot phase by SN heating. The amount of the evaporated
gas is assumed to be proportional to the mass of the SNe,
and the coefficient is expected to be A ∝ ρ−4/5g (McKee
& Ostriker 1977).3 Meanwhile, some amount of hot gas is
transferred to the cold phase by thermal instability due to
cooling.
From the three physical processes mentioned above, i.e.
SN ejection, evaporation and thermal instability, analytical
description of thermal evolution of the two phases can be
obtained with only a few parameters such as an SN tem-
perature TSN = 5.73 × 107 K and a temperature of the
cold phase Tc = 10
3 K. These temperatures correspond
to the specific energies of uSN = 1.16 × 1049 erg M−1 and
uc = 2.03 × 1044 erg M−1 . The SN feedback in this ISM
model is thus estimated to be uSNmSN = 2.22 × 1050 erg
per SN, which is 7.7 times weaker than that implemented
3 The evaporation factor is normalised to be A = 573 at ρg =
nth = 0.13 cm
−3 in our simulations.
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Figure 1. Mass distributions in density–temperature (top) and density–pressure (bottom) diagrams of gas within R200 in the run of Halo
1 at z = 1.53. The colour code indicates gas mass within each bin with (∆ lognH,∆ log T ) = (0.066, 0.057) and (∆ lognH,∆ logP ) =
(0.066, 0.074) in the top and bottom panels. Left, centre and right sets of panels correspond to the runs with the two-phase, polytrope
and single-phase ISM models. The blue solid line in the bottom centre panel delineates the slope of P ∝ n4/3H (see Section 2.3.2), and
the blue dashed and dotted lines in the bottom right panel indicate those of P ∝ nH (isothermal) and P ∝ n2H (equation 7, see Section
2.3.3). The vertical dashed lines correspond to the star-formation criterion nH,th = 0.13 cm
−3 in the simulations, which is set equal to
the thresholds above which the two-phase and polytrope ISM models are adopted: nH,th = ρEOS.
using the wind particle model described in Section 2.2. As
shown in the analysis of Springel & Hernquist (2003), the
two phases in this model are expected to quickly reach
an equilibrium state where star formation is self-regulated.
Namely, the evaporation decreases an amount of cold gas
when star formation is too active, whereas the thermal insta-
bility driven fuels star formation by turning hot gas into cold
gas when a mass of hot gas is too large. In this equilibrium
state, thermal energy of the hot-phase gas uh is maintained
at
uh =
uSN
A+ 1
+ uc, (1)
corresponding to Th ∼ 106 K. Note that uh in equation (1)
is a function only of density since the evaporation factor A
depends only on ρg. In the self-regulated regime, the effective
pressure of the medium,
Peff = (1− γ) (ρcuc + ρhuh) , (2)
can be considered to be constant in time, where the ratio
of specific heats γ = 5/3, and ρc and ρh are masses of cold-
and hot-phase gas in the cell. This condition gives
ρc
tSF
=
tSFΛnet(ρg, uh)
ρg [βuSN − (1− β)uc]
ρ2h
ρ2g
, (3)
where Λnet is a net cooling/heating function.
The mass fraction of cold gas within the gas cell, x ≡
ρc/ρg, is computed as
x = 1 +
1
2y
−
√
1
y
+
1
4y2
, (4)
where
y ≡ tSFΛnet(ρg, uh)
ρg [βuSN − (1− β)uc] . (5)
The quantities of x and y depend only on the total density
ρg of the cell provided that Λnet is a function of ρg and uh.
In a practical range of ρg in galaxy simulations, x is not
significantly lower than unity, therefore splitting a gas cell
into the two phases does not largely decreases an amount of
gas allowed to form stars.
The effective pressure of the gas cell given by equation
(2) is written as
Peff = (1− γ)ρg [xuc + (1− x)uh] , (6)
and it is a function only of ρg. The thermal energy is given as
ueff = [xuc + (1− x)uh]. In our simulations, the two-phase
ISM model thus enforces a temperature floor and a pressure
floor according to the barotropic EOS (equation 6) on dense
gas with ρg > ρEOS. Because the SN feedback of unresolved
stars is included, the effective temperature ueff monotoni-
cally increases with ρg. This means that the effective EOS of
this model is harder than an isothermal EOS. Hence, adopt-
ing this model can stabilise dense gas and simultaneously
prevents unphysical fragmentation that can occur at small
scales of resolution limits (see Section 2.3.3). The above ISM
model we adopt is essentially the same as that presented in
Springel & Hernquist (2003) except the assumed parameters
and IMF.
The main purpose of the two-phase ISM model is to
take into account unresolved star formation and SN feed-
back in sub-resolution scales. Hence, we consider that ρEOS
should be set equal to the star-formation criterion in the
c© 2014 RAS, MNRAS 000, 1–??
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simulations: ρEOS = nH,th = 0.13 cm
−3.4 Left panels of Fig.
1 show phase diagrams in our simulation using this model. In
the diagrams, the dense gas is almost smoothly connected
to low-density gas at the boundary ρg = ρEOS. The two-
phase ISM model has been implemented in the original ver-
sion of Arepo and used in Illustris (Nelson et al. 2015) and
Illustris-TNG (Nelson et al. 2019) simulations, as well as in
Auriga simulations (Grand et al. 2017) which are zoom-in
simulations using the same code.
2.3.2 Polytrope ISM model
For smoothed particle hydrodynamics (SPH) simulations,
Schaye & Dalla Vecchia (2008) have proposed an ISM model
in which a polytropic EOS is imposed on dense gas, i.e.
Peff ∝ ρng , with the polytrope index n = 4/3. This choice is
motivated because a Jeans mass is independent of ρg when
n = 4/3 while a Jeans length becomes shorter with increas-
ing ρg. Hence, it is expected that the index n = 4/3 allows a
gas cloud to collapse but prevents it to fragment into smaller
clouds. Because clouds in simulations can artificially frag-
ment when a mass of a gas element is larger than a Jeans
mass (Bate & Burkert 1997), it is desirable for simulations
to make a Jeans mass invariant with ρg. Their ISM model
with n = 4/3 has been used in not only SPH simulations but
also adaptive mesh refinement (AMR) simulations (Dubois
et al. 2014; Chisari et al. 2018). We refer to this model as
‘polytrope ISM model’, examine it in our simulations using
the moving-mesh code.
The polytrope ISM model enforces a pressure floor
Peff ∝ ρ4/3gas on dense gas with ρg > ρEOS, and its tempera-
ture is also adjusted to ueff = Peff/[ρg(1− γ)]. The normal-
isation is given as Teff = 8 × 103 K at ρg = 0.1 cm−3 (e.g.
Schaye et al. 2015). As is the case of the two-phase model,
we set ρEOS = ρth. The dense gas is stabilised by the effec-
tive pressure and prevented from artificial fragmentation in
small scales resolved scarcely. In this model, we assume that
all mass within a cell with ρg > ρth can form stars therefore
set x = 1 in computing an SFR of the cell.
Phase diagrams of the polytrope ISM model are shown
in Fig. 1 (centre). Although the gas distribution is simi-
lar to that in the two-phase-ISM run, the effective EOS is
softer (shallower slopes) especially in the range of nH,th <
nH <∼ 1 cm−3. The polytrope model has been used in the cos-
mological simulations of OWLS (Schaye et al. 2010) and EA-
GLE projects (Schaye et al. 2015). In addition, their zoom-in
simulations of the APOSTLE project (Fattahi et al. 2016)
— which focuses on analogues of the Milky Way and An-
dromeda galaxies (Sawala et al. 2016) — are also performed
using the same code5 of the EAGLE simulations. Horizon-
AGN simulation also uses this ISM model (Dubois et al.
2014; Chisari et al. 2018).
4 However, it is not necessarily required to set ρEOS = ρth. We
also run simulations with a higher ρth while ρEOS is fixed (see
Section 4.1).
5 OWLS, EAGLE and APOSTLE simulations were performed
with an N -body Tree-PM, SPH code GADGET3 (last described
in Springel 2005) modified by the projects.
2.3.3 Single-phase ISM model
A straightforward method to compute hydrodynamics of
dense gas is not to use any ISM models. In other words,
gas is not distinguished between ρg > ρEOS and < ρEOS
in hydrodynamics. In this study, we refer to this method
as ‘single-phase ISM model’, in contrast with the two-phase
model described in Section 2.3.1. In this model, gas in our
simulations can cool according to the cooling/heating func-
tion until 5 K regardless of its density.
Unlike the two-phase and the polytrope models, the ab-
sence of pressure support for dense gas can, however, lead
cold gas to fragment artificially in small scales at resolution
limits. To avoid this, we need to impose a floor pressure. Us-
ing AMR simulations for a gas cloud in isolation, Truelove
et al. (1997) have demonstrated that a Jeans length should
be resolved with at least 4 cells, otherwise a gas cloud frag-
ments artificially: the Truelove condition. In more realistic
situations for galaxy formation, Ceverino et al. (2010) have
performed AMR cosmological simulations for clumpy galax-
ies and shown that the number of clumps in a disc galaxy
converges when a pressure floor is imposed so that a Jeans
length λJ is always resolved with at least 7 cells. This means
Ncell ≡ λJ/∆ = 7, where ∆ is a spatial resolution limit (the
minimum cell size in an AMR simulation). The Jeans length
is estimated as λ2J = pic
2
snd/(Gρg), where G is the gravita-
tional constant, and sound speed is given as c2snd = γP/ρg.
Accordingly, the floor pressure to stabilise physical scales
smaller than λJ is given as
Peff =
Gρ2gN
2
cell∆
2
piγ
. (7)
Following Ceverino et al. (2010), we adopt Ncell = 7 in our
simulations since it is more stringent than the Truelove con-
dition. We assume ∆ = 0.3 kpc (comoving). Note, how-
ever, that it is unclear what value of ∆ is appropriate in
moving-mesh simulations since basically there is no mini-
mum limit of a cell size in our moving-mesh scheme. The
value of ∆ = 0.3 kpc is comparable to diameters of the
smallest cells in our simulations with the two-phase ISM
models at z ∼ 2–1; this cell size corresponds to a density
of nH = m˜g/[4pi(∆/2)
3/3] ∼ 10 cm−3. Thus, the value of
∆ = 0.3 kpc is not too small for the resolution of our sim-
ulations. We confirm, in addition, that results of our sim-
ulations using this model hardly change even if we adopt
∆ = 1.5 kpc and even if ∆ is set equal to an actual diame-
ter of each cell. We do not impose temperature floors on gas
cells.6 The pressure floors are imposed on all gas cells irre-
spective of their densities.7 In this model, all mass within
a cell with ρg > ρth is able to form stars; therefore we set
x = 1 for computing an SFR of a cell in our simulations.
Phase diagrams in our simulation using the single-phase
model with ∆ = 0.3 kpc is shown in Fig. 1 (right). Most
of star-forming gas with ρg >∼ ρth distributes along two se-
quences. A substantial amount of the dense gas evolves
nearly isothermally with T ' 104 K, i.e. P ∝ ρg. On the
other hand, cold dense gas follows the sequence imposed
by equation (7), i.e. P ∝ ρ2gas in the bottom panel. The
6 This treatment is the same as in VELA simulations (Ceverino
et al. 2010, 2012, 2014).
7 Gas with ρg < ρth rarely reach a pressure lower than the floor.
c© 2014 RAS, MNRAS 000, 1–??
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Figure 2. Face-on maps of surface densities of gas (top), all stars (middle) and stars younger than 100 Myr (bottom) in our simulations
with the two-phase (left), polytrope (centre) and single-phase (right) ISM models. Left and right sets of panels show snapshots of Halo
1 and 2 at z = 1.53 and 1.04, respectively.
Figure 3. Same as Fig. 2 but for Halo 3 (left), 4 (centre) and 5 (right) at z = 1.04, 1.36 and 0.99, respectively.
isothermal sequence corresponds to an EOS softer than the
other two models. The presence of the isothermal sequence
at T ' 104 K is consistent with results of previous stud-
ies in which their simulations assume similar single-phase
ISM models (e.g. Stinson et al. 2006). The single-phase ISM
model, i.e. not enforcing a modelled EOS on dense gas,
is used in various simulations, e.g. FIRE/FIRE-2 (Hopkins
et al. 2014, 2018), NIHAO (Wang et al. 2015) and VELA
(Ceverino et al. 2010, 2012, 2014) simulations.
3 RESULTS
3.1 Influence on galactic clumpiness
Figs. 2 and 3 show face-on surface density maps of gas, all
stars and stars younger than 100 Myr for the five haloes at
redshifts z ' 1–1.5 with three ISM models. At these output
times, we find no significant impact of merger events that
can strongly disturb the disc structures. Table 1 lists prop-
erties of the galaxies. Fig. 4 shows edge-on surface density
maps of all stars for the same snapshots. Their vertical scale
heights are significantly smaller than the disc scale lengths.
Because the face-on stellar distributions are nearly circular
in Figs. 2 and 3, the simulated galaxies appear to be discs.
We discuss the stellar disc structures in Section 3.3.1.
Figs. 2 and 3 demonstrate that the disc structures are
clearly affected by the ISM models. In the top panels, the
gas density distributions become highly clumpy in the cases
of the single-phase and the polytrope ISM models. In these
runs of Halo 1 and 2, we find that the discs are in clumpy
states in z <∼ 1.5–2. On the other hand, no massive clumps
form in the two-phase-ISM runs, and spiral arms appear
less prominent than in the runs with the other ISM mod-
els. Thus, the ISM models gas can remarkably change the
clumpiness of galactic discs at z ∼ 1-1.5. Especially, the dif-
ference is clearer in massive galaxies: Halo 1 and 2. The im-
pact of switching the ISM models may be small in less mas-
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Table 1. Physical properties of the simulated galaxies in the snapshots shown in Figs. 2 and 3. The left three columns are halo IDs and
redshifts of the snapshots, the total masses (M200) and sizes (R200) of the systems. The values of M200 and R200 are measured with
the friend-of-friend grouping algorithm and almost independent of the ISM models. The right six columns are for the runs with the ISM
models, the total stellar masses (Ms), gas masses (Mg), SFR, the mean stellar metallicities (Zs) and the numbers of clumps whose total
baryon masses are > 108 M (Nclump). We assume the solar metallicity Z = 0.0127. These values are measured within regions inside
0.15R200 for each run, except Nclump that are counted within the regions shown in Figs 2 and 3.
run M200 [M] R200 [kpc] ISM model Ms [M] Mg [M] SFR [M yr−1] Zs [Z] Nclump
Halo1
(z = 1.53)
two-phase 1.69× 1011 1.08× 1011 48.4 1.66 0
5.16× 1012 205 polytrope 1.98× 1011 1.05× 1011 91.8 1.95 8
single-phase 2.14× 1011 1.09× 1011 102 2.10 49
Halo2
(z = 1.04)
two-phase 1.82× 1011 1.27× 1011 86.6 1.73 0
5.47× 1012 250 polytrope 2.63× 1011 1.18× 1011 175 2.20 6
single-phase 2.32× 1011 1.07× 1011 101 2.08 35
Halo3
(z = 1.04)
two-phase 8.49× 1010 1.06× 1011 76.0 1.47 0
4.46× 1012 234 polytrope 1.10× 1011 8.22× 1010 55.8 1.66 7
single-phase 1.14× 1011 7.02× 1010 62.1 1.64 9
Halo4
(z = 1.36)
two-phase 4.08× 1010 4.51× 1010 26.4 1.28 0
1.85× 1012 154 polytrope 5.70× 1010 4.81× 1010 35.0 1.49 0
single-phase 5.26× 1010 3.99× 1010 18.3 1.36 0
Halo5
(z = 0.99)
two-phase 3.06× 1010 3.12× 1010 8.32 1.31 0
1.86× 1012 178 polytrope 3.98× 1010 3.74× 1010 13.4 1.35 0
single-phase 4.69× 1010 4.25× 1010 18.5 1.41 2
sive galaxies: Halo 3, 4 and 5. The single-phase ISM model
appears to produce more clumps than the polytrope model.
The giant clumps have high SFRs, therefore can be seen
more prominently in density maps of young stars (bottom
panels), which can be taken as proxy for star-forming lights
such as Hα and UV emission.8 Moreover, these clumps are
massive enough to be gravitationally bound structures, and
seen in density maps of all stars (middle panels). We find
that they survive over periods of their orbital time-scales
in the simulations. Note, however, that lifetimes of clumps
would depend on strength of stellar feedback as we mention
in Section 1. Our results show that formation efficiency of
giant clumps in galactic discs can significantly depend on
EOS of dense gas.
To the snapshots shown in Figs. 2 and 3, we apply a
clump identification scheme that is similar to those used in
Mandelker et al. (2014, 2017) and Inoue et al. (2016) (see
Appendix A for the details). We compute the total baryon
masses Mclump of clumps identified in the regions depicted
in Figs. 2 and 3 within the vertical heights of ±5 kpc from
the disc planes. We then exclude clumps whose DM mass
fractions are greater than 0.1 since such clumps are consid-
ered to be ‘ex-situ’ clumps, i.e. satellite galaxies. Histograms
of Mclump are illustrated in Fig. 5, and the numbers of the
clumps with Mclump > 10
8 M are listed in the rightmost
column of Table 1. As expected in Figs. 2 and 3, the runs
with the single-phase ISM model form larger numbers of
clumps than those with the other models. On the other
hand, no clumps with Mclump > 10
5.5 M are identified
8 Hα emission line is sensitive only to stars younger than ∼
10 Myr, and rest-frame UV light traces stars whose ages are ∼ 10–
100 Myr. In this sense, the stars younger than 100 Myr would be
consistent the best with UV observations; note that we lack dust
obscuration.
in the snapshots of the two-phase-ISM runs in all haloes.
Thus, using the single-phase and the polytrope ISM models
significantly increases the numbers of clumps in our cosmo-
logical simulations. This result is explained by the difference
of EOS in the models. Namely, since a softer EOS is nat-
urally expected to allow small-scale structures to grow due
to relatively weaker pressure response against density vari-
ation (e.g. Schaye & Dalla Vecchia 2008; Haas et al. 2013;
Marinacci et al. 2019).
3.2 Influence on global properties of galaxies
In spite of the clear differences in clumpiness, especially in
Halo 1 and 2, we find that switching the ISM models hardly
changes global properties of the simulated galaxies. In Table
1, the total stellar and gas masses, SFRs and metallicities of
the galaxies in the snapshots are almost the same between
the runs with the three ISM models in all haloes.
Figs 6, 7 and 8 show the time-evolution of the total stel-
lar masses, gas fractions and SFRs in our simulations. The
solid lines indicate these values measured within regions of
r < 0.15R200 which enclose most of baryon belonging to the
central galaxies while excluding most of satellite galaxies. In
Fig 6, the stellar masses do not appear to differ significantly.
We compare Ms(< 0.15R200) between the three ISM models
for all the five haloes from z = 4 to 1 and find the largest dif-
ference to be only 63 per cent. It should be noted, however,
that in Fig. 6 the stellar masses in the two-phase-ISM runs
seem to be systematically lower than those in the other runs.
For comparison, in Fig. 6, we also plot stellar masses esti-
mated from results of the UniverseMachine (Behroozi et al.
2019), which is based on an abundance-matching technique
combining an observed stellar mass function and a DM mass
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8 S. Inoue & N. Yoshida
Figure 4. Edge-on maps of surface densities of all stars in the
snapshots shown in Figs. 2 and 3. From left to right, the panels
show the runs with the two-phase, polytrope and single-phase
ISM models, respectively.
function obtained from a cosmological N -body simulation.9
In the figure, the stellar masses are estimated by multiply-
ing M200 by the stellar-to-halo mass ratios obtained from
the UniverseMachine. The stellar masses in our simulations
are mostly consistent with the estimations from the Uni-
verseMachine. However, in z >∼ 3 (Halo 1) and z ' 2–3
(Halo 2), the UniverseMachine predicts stellar masses sig-
nificantly larger than those within 0.15R200 in our simula-
tions. In these redshift ranges of the runs, Ms(< 0.15R200)
are discrepant from Ms(< R200) in our simulations, and the
UniverseMachine is rather consistent with Ms(< R200). The
large difference between Ms(< 0.15R200) and Ms(< R200)
9 The UniverseMachine provides stellar mass-halo mass rela-
tions for various subgroups: star-forming/quenched and cen-
tral/satellite galaxies. In addition, it keeps track of two stellar
masses: the ‘true’ and ‘observed’ masses. The true mass is com-
puted by integrating past SFRs subtracted with stellar mass loss.
The observed mass is determined from observations. In Fig. 6, we
use their results of true stellar masses for star-forming galaxies
without distinguishing central and satellite galaxies.
Figure 5. Mass functions of clumps identified in three-
dimensional gas distributions in the snapshots shown in Figs. 2
and 3. The value of Mclump is defined as the total baryon mass
of each clump after removing unbound matters. We exclude ex-
situ clumps whose DM fractions are higher than 0.1. There are
no clumps more massive than 105.5 M in the snapshots of the
two-phase-ISM runs. The numbers of clumps > 108 M are listed
in the rightmost column of Table 1.
Figure 6. Redshift-evolution of the total stellar masses of Halo
1 to 5. Thick solid and thin dotted lines show the stellar masses
enclosed within radii of 0.15R200 and R200, respectively. Black
filled circles with error bars indicate stellar masses estimated from
the stellar-to-halo mass relations (Behroozi et al. 2019) adopted
to M200 in our simulations. Black dotted lines are drawn from
their fitting functions for the stellar mass-halo mass relations.
implies that there could be other massive galaxy/galaxies
within the common halo, and our analysis scheme may not
trace the most massive one.10 In addition, there may be
10 We define the galactic centre as the DM particle that resides
at the lowest potential.
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Figure 7. Redshift-evolution of gas fractions, Mg/(Ms + Mg),
of Halo 1 to 5. Thick solid and thin dotted lines indicate values
measured within radii of 0.15R200 and R200, respectively.
Figure 8. Redshift-evolution of the total SFRs of Halo 1 to 5.
Thick solid and thin dotted lines indicate values measured within
radii of 0.15R200 and R200, respectively.
over-production of stars in z >∼ 2.5 in Halo 3 and 5, and
under-production in z <∼ 1.5 in Halo 5. However, the dis-
crepancy from the UniverseMachine is seen in all runs with
the three ISM models. Namely, it is not caused by changing
the ISM models.
Amount of gas is thought to play a key role in clump
formation since clumpy galaxies are generally observed to be
highly gas-rich (e.g. Genzel et al. 2008, 2011; Wuyts et al.
2012a,b; Fisher et al. 2014). Fig 7 does not show significant
differences in gas fractions between the three ISM models.
In Halo 1 at z <∼ 2.5 and Halo 4 at z <∼ 1.5, the two-phase-
ISM runs appear to indicate systematically higher gas frac-
tions than the runs with the other ISM models. This may
reflect the lower stellar masses shown in Fig 6. It is wor-
thy to mention that the clumpy galaxies in the runs of Halo
1 and 2 with the polytrope and the single-component ISM
models have lower gas fractions than the non-clumpy discs
in the two-phase-ISM runs. This means that the absence of
giant clumps in the two-phase-ISM runs is not attributed
to poverty of gas. Our simulated galaxies have gas fractions
of fg ' 0.2–0.4 in their clumpy phases, which are signifi-
cantly higher than the typical values of local spiral galaxies,
fg ' 0.1. However, Halo 3, 4 and 5 are not (or less) clumpy
even in the case of the single-phase ISM model although
they have even higher gas fractions fg ' 0.5. This implies
that a high gas fraction is not the sufficient condition of
clump formation, may be one of necessary conditions. The
two-phase-ISM runs may have slightly but systematically
higher gas fractions than the other runs; this trend is clear
in Halo 1 (z <∼ 2.5) and Halo 4 (z <∼ 1.5). This slightly higher
fg would be related to the systematically lower Ms of the
two-phase-ISM runs (Fig 6). The systematic trend would be
attributed to the cold gas fraction x and the effective pres-
sure Peff . The two-phase model allows x to be slightly lower
than unity and gives the highest pressure floor among the
three models (Fig. 1).
Formation of giant clumps may significantly increase
SFRs in galaxies. Guo et al. (2012) have observationally es-
timated the total SFR within giant clumps in a galaxy at
z ∼ 2 to account for nearly fifty per cent of that within the
entire galaxy.11 Fig 8 shows dependence of SFRs on the ISM
models. The total SFRs fluctuate by a factor of 2–3 in short
periods in our simulations. However, we find no systematic
difference in the SFRs between the three ISM models, i.e.
the difference between the runs are smaller than the short-
period fluctuation. In addition, enhancement of the total
SFRs is not clearly seen in the clumpy phases in Halo 1
and 2 at z <∼ 1.5–2. This implies that clump formation itself
would not significantly increase the total SFR in a galaxy
by a factor of >∼ 2–3. It has been observed that ∼ 50 per
cent of star-forming galaxies at z ' 2–3 have clumpy mor-
phologies (Tadaki et al. 2014; Murata et al. 2014; Guo et al.
2015; Shibuya et al. 2016; Buck et al. 2017). We expect that
the high SFRs of the observed clumpy galaxies would not
be driven by their clump formation.
3.3 Influence on disc properties and relationships
3.3.1 Angular momentum of a stellar disc
Early simulations suffered from the over-cooling problem
and the angular-momentum catastrophe. They resulted in
too compact discs with low angular momenta (e.g. Katz
11 Note that estimations of clump sizes and masses can sig-
nificantly depend on observational resolutions (e.g. Dessauges-
Zavadsky et al. 2017; Cava et al. 2018). This would also be the
case for estimations of SFRs of clumps.
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Figure 9. Relationship between the total masses and specific
angular momenta of stellar components in our simulations at the
redshift z = 1. Symbols with different colours correspond to the
runs with the three ISM models. The dashed line delineates the
observed relation of Posti et al. (2018) and Marasco et al. (2019),
and the shaded region indicates the 1σ orthogonal intrinsic scatter
of their sample.
1991). Although modern simulations have overcome this
problem by increasing resolutions and improving recipes of
stellar feedback such as SNe, changing the ISM models may
result in recurrence of this problem.
We define a specific angular momentum of a stellar disc
as
js(R) =
∑
Ri<R
ms,iRivφ,i
/ ∑
Ri<R
ms,i, (8)
where ms,i, vφ,i and Ri are mass, azimuthal velocity and
projected distance from the galactic centre of i-th stellar
particle, respectively. We exclude stellar particles above and
below the regions within 5 kpc from the disc plane.12 The
values of js usually increase with R but converge at a large
R. Since we find that R = 0.15R200 is large enough for the
convergence, we compute js within this radius.
13
We compute js of the simulated stellar discs at z = 1.
Fig. 9 shows that js does not largely depend on the ISM
models although it differs by a factor of ∼ 2 in the runs
of Halo 3 and 5. The clumpy discs in Halo 1 and 2 with
the polytrope and the single-phase models do not indicate
systematically lower or higher angular momenta. Thus, al-
though using the ISM models with softer EOS can result in
high clumpiness, it does not catastrophically decrease the
angular momenta of the stellar discs.
Correlation between stellar masses and angular mo-
menta of galaxies is often referred to as ‘Fall relation’
after Fall (1983). Posti et al. (2018) observe 92 nearby
galaxies from dwarf irregulars (Im) to massive spirals (S0)
excluding ellipticals and determine their Fall relation as
log js = 0.55[log(Ms/M) − 11] + 3.34 in the range of
12 We confirm that js hardly changes even if the vertical cutoff
is set to |z| = 10 kpc or |z| = R.
13 In the single-phase-ISM run of Halo 5 at z = 1, there is a
infalling satellite at R ' 15 kpc (see Fig. 3). To avoid this satellite,
we compute js at R = 10 kpc for all runs of Halo 5. We confirm
that this radius is large enough for the convergence in these runs.
7 <∼ log(Ms/M) <∼ 11.5. Marasco et al. (2019) find no evo-
lution of this relationship to z = 1 using the B- and I-band
observations14. In Fig. 9, the dashed line with the shaded re-
gion indicates these observations, and our results of Halo 1,
2 and 4 are consistent with the observed Fall relation. Halo
3, 5 appear to be significantly below the Fall relation. Hence,
they might be considered to be elliptical galaxies in terms of
the classification based on the Fall relation. Although their
stellar discs are indeed relatively compact, their morpholo-
gies still appear to be discs, rather than triaxial ellipsoids15.
Note that the above analysis is applied to the snapshots at
z = 1, whereas the edge-on morphologies shown in Fig. 4
are not exactly at z = 1. We have checked and confirmed
that there is no significant evolution of their morphologies
to z = 1. There could thus be tension between our simula-
tions and the observations in the correlation between stellar
masses and angular momenta, especially for low-mass galax-
ies. The momentum defined by Equation (8) is weighted by
mass, whereas the observed Fall relation is obtained from
momenta weighted by luminosities. We compute js weighted
by luminosities in B- and i-bands by replacing ms,i with the
luminosities of the stellar particle16. We find that js hardly
depend on whether these are weighted by mass or luminosi-
ties.
3.3.2 The Kennicutt-Schmidt law
It is known that, in the Kennicutt-Schmidt (K-S) law, i.e.
ΣSFR ∝ Σαg , the exponent α depends on EOS of star-forming
gas even if the Schmidt law, i.e. ρSFR ∝ ρβg , is the same
(Schaye & Dalla Vecchia 2008). Accordingly, the relation-
ship between ΣSFR and Σg can depend on the ISM models
assumed in our simulations. Using the snapshots in Figs. 2
and 3, we pixelise the face-on distributions of gas masses
and SFRs by binning them into areas of 0.5× 0.5 kpc2 with
the Cloud-in-Cell algorithm. Fig. 10 shows scatter diagrams
between ΣSFR and Σg of the pixels. In our results, no differ-
ence in the Σg-ΣSFR relation is seen between the runs with
the three ISM models, and the relationship is consistent be-
tween all galaxies.
Star formation in disc regions is expected to take place
in two-dimensional regime, whereas giant clumps may form
stars by three-dimensional collapse of gas if the clump is em-
bedded within a gas disc. If this is the case, regions inside
clumps can deviate from the K-S law of disc regions (e.g.
Elmegreen & Hunter 2015). In Fig. 10, however, the regions
inside the giant clumps in Halo 1 and 2 with the polytrope
and the single-phase models — where Σg and ΣSFR are the
highest — indicate no significant deviation from the K-S
law in the other regions. The dashed line indicates the ob-
served relationship of Kennicutt (1998), and all of our simu-
14 More precisely, they use f814w and f160w bands of the Hubble
Space Telescope, which roughly correspond to rest-frame B- and
I-bands.
15 We need more detailed discussion on whether Halo 3 and 5 are
elliptical or disc galaxies; it is beyond the scope of this study.
16 B- and i-band luminosities of a stellar particle are obtained by
adopting the filter functions of Buser (1978) and Stoughton et al.
(2002) to a spectral energy distribution computed with the single
stellar population model. Note that we do not take into account
dust attenuation.
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Figure 10. Scatter diagrams between Σg and ΣSFR in the snapshots in Figs. 2 and 3. The face-on distributions of masses and SFRs of gas
cells are pixelised into areas of 0.5×0.5 kpc2, and then data points of the pixels are binned into grids whose size is (∆ log Σg,∆ log ΣSFR) =
(0.13, 0.27) in each panel of this figure. The contours delineate levels of 1, 10 and 100 data points per grid, computed by applying Gaussian
kernel density estimation using Scott’s rule (Scott 2015). The black dashed lines indicate the K-S law obtained by Kennicutt (1998):
log ΣSFR = 1.4 log Σg − 12.
lations are in agreement with the observations in the range
of log[Σg/(M kpc−2)] >∼ 7. Thus, the relationship between
ΣSFR and Σg are robust with respect to the ISM models in
our simulations.
In all runs, the Σg-ΣSFR relations show significant off-
sets from the K-S law in the low-density regions with
log[Σg/(M kpc−2)] <∼ 7. Most of the regions with such low
Σg correspond to outside the gas discs in the simulations (see
the top panels of Figs. 2 and 3), where local gas densities are
typically below the star-formation threshold ρth. Therefore,
spatial distribution of SFRs becomes discontinuous, and the
Σg-ΣSFR relations fall off from the K-S law. Schaye & Dalla
Vecchia (2008) present detailed discussion about the fall-off
and its dependence on ρth. The fall-off from the K-S law at
log[Σg/(M kpc−2)] ∼ 7 is also observed in nearby galax-
ies (Kennicutt & Evans 2012, and references therein). This
implies that the overall effect caused by the star-formation
threshold may be actually physical.
4 DISCUSSION
4.1 Influence of the ISM models and a potential
problem of current cosmological simulations
We have shown that the EOS of dense gas can significantly
influence clumpiness of disc galaxies in cosmological simula-
tions. The polytrope and the single-phase ISM models can
make relatively massive galaxies highly clumpy. We find, on
the other hand, that no clumps with Mclump > 10
5.5 M
form if we use the two-phase model. Buck et al. (2019)
demonstrate that, in their NIHAO simulations, clustering
signal of newly formed stars depends on a density thresh-
old of star formation, and a higher density threshold leads
to strong clustering. They argue that the criterion nH,th ∼
10 cm3 is required to match observations of a local spiral
galaxy. We rerun our simulations using the two-phase model
with nH,th = 1.3 and 13 cm
3 while ρEOS is fixed. However, we
find no clump formation even in these runs. Thus, clump for-
mation within disc regions seldom occurs at redshifts z >∼ 1
in our cosmological simulations using the two-phase ISM
model.
We find that the global properties such as the total stel-
lar and gas masses, SFRs and metallicities of the simulated
galaxies are not significantly affected by the ISM models,
in spite of the significant difference of clumpiness. In ad-
dition, specific angular momenta of stellar discs are almost
unchanged by switching the ISM models. Using OWLS sim-
ulations with different indices of n = 1, 4/3 and 5/3 for the
polytrope ISM model, Haas et al. (2013) argue that these
global properties as functions of stellar mass do not signifi-
cantly depend on n. Although giant clumps are not formed
in their simulation even in the case of n = 1, they demon-
strate that density contrast between spiral arms and inter-
arm regions becomes sharp as n decreases.
These results mentioned above can be indicative of a
potential problem of the current cosmological simulations.
Free parameters such as strength of stellar feedback are usu-
ally calibrated such that the global properties of simulated
galaxies match statistically with observations. However, a
few prominent properties such as clumpiness are not con-
sidered in the calibration. This renders the adopted mod-
els to be inaccurate or at least uncertain. Our study here
shows that changing ISM models in simulations can dra-
matically change galactic clumpiness without significantly
affecting the global properties. This implies that, even if
an inaccurate ISM model is used, a cosmological simulation
calibrated using the global properties is expected to hold
the matching with the observations. However, such a sim-
ulation with the inaccurate ISM model cannot reproduce
clumpiness correctly. Because changing ISM models hardly
influences the agreement with observed global properties,
the overall agreement in the global properties cannot deter-
mine which ISM model should be used. However, clumpiness
of simulated galaxies can largely depend on the ISM mod-
els. ISM models used in simulations are different between
studies (see Sections from 2.3.1 to 2.3.3). In some of large
simulation projects, their datasets are publicly available and
used in a number of studies. It should be kept in mind that
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morphologies of simulated galaxies, such as clumpiness, can
significantly depend on ISM models assumed in simulations.
From the discussion above, we suggest that ISM models,
i.e. EOS of dense gas, should also be calibrated with obser-
vations of galactic morphologies such as number fractions of
clumpy galaxies and mass distributions of clumps in galax-
ies. This kind of observations have already been available in
previous studies (Tadaki et al. 2014; Murata et al. 2014; Guo
et al. 2015; Shibuya et al. 2016; Ribeiro et al. 2017). Buck
et al. (2017) show that evolution of clumpy fractions in their
large sample of zoom-in simulations using the single-phase
ISM model are consistent with observations although their
clumps are less bound and short-lived structures.
4.2 Impact of clump formation on galactic
properties
By switching the ISM models, we can compare clumpy and
non-clumpy galaxies without changing feedback or initial
conditions (i.e. mass-accretion history). From this compari-
son, we investigate the impact by giant clump formation on
properties of the galaxies.
From our results, we find that the clump formation seen
in the runs of Halo 1 and 2 does not appear to affect the
galactic properties. Although giant clumps generally have
intense star formation, we find that the clump formation
does not largely increase the total SFRs within the galaxies;
the enhancement is no more than by a factor of ∼ 2–3 in our
simulations. This may be consistent with the observations
of Guo et al. (2012), in which they estimate the total SFR
within giant clumps in a galaxy at z ∼ 2 to be nearly fifty
per cent of that within the entire galaxy. Moreover, gas con-
sumption and outflows by star formation within the clumps
do not significantly decrease gas fractions or increase stel-
lar masses of the galaxies in our simulations. Shibuya et al.
(2016) observe the redshift-evolution of number fractions of
clumpy galaxies and show that it intriguingly correlates with
the cosmic SFR densities; both indicate peaks at z ' 2–3.
As one of the possibilities, they argue that the increase of
the cosmic SFR density can be explained as enhancement
of SFRs driven by giant clump formation in disc galaxies.
We infer, however, that this would not be the case since
the SFRs are not significantly different between the clumpy
galaxies with the single-phase model and the non-clumpy
ones with the two-phase model. Moreover, clump formation
does not significantly affect time-evolution of stellar masses,
SFRs or gas fractions. Now that mass-accretion history of
the galaxies is also the same, the clumpy and non-clumpy
galaxies are expected to take similar evolution. Therefore,
clump formation could not be a quenching mechanism of
disc galaxies.
5 CONCLUSIONS AND SUMMARY
We study influence of the ISM models assumed for dense
gas on galactic properties in our cosmological zoom-in sim-
ulations while keeping initial conditions and the other sim-
ulation settings unchanged. Our findings are listed below.
• Clumpiness of galactic discs strongly depends on EOS of
dense gas. Softer EOS can lead disc galaxies to clumpy phase
at redshifts z = 1–2, especially for relatively massive and
extended galaxies. If harder EOS are assumed, disc galaxies
do not form massive clumps even in highly gas-rich states.
• Global properties of the galaxies such as the total stel-
lar masses, gas fractions, SFRs, metallicities, stellar angu-
lar momenta and Σg-ΣSFR relations are not significantly af-
fected by changing the ISM models.
• Formation of giant clumps does not significantly alter
the properties of the simulated galaxies.
A number of studies using cosmological simulations
have discussed impact of stellar feedback that can reduce
the number, masses and lifetimes of giant clumps. We pro-
pose, however, that EOS of dense gas is another key factor to
largely affect clumpy states of galaxies in cosmological sim-
ulations. Morphologies, especially clumpiness, of simulated
galaxies can strongly depend on the ISM models, and the
two-phase ISM model strongly suppresses formation of gi-
ant clumps. Ones should beware of this point when studying
morphologies and clumps of galaxies using simulations.
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APPENDIX A: CLUMP IDENTIFICATION
SCHEME
Our clump identification scheme is basically the same as
those used in Mandelker et al. (2014, 2017) and Inoue et al.
(2016). First, we apply a spherical Gaussian smoothing with
a narrow full width at half maximum (FWHM) of 0.33 kpc
to the three-dimensional gas density field, and we deposit
masses in uniform grids whose size is 0.1 kpc. This procedure
washes out noise at the resolution level of the simulations
but retains the desired clumpy structures. Then, we apply a
wide Gaussian smoothing with an FWHM of 2.5 kpc to the
original gas density field. The wide Gaussian filter smooths
out large-scale structures within a disc. Then, we obtain
the residual: δ ≡ (ρN − ρW)/ρW, where ρN and ρW are the
gas densities smoothed with the narrow and wide Gaussian
filters. Next, we group neighbouring grids having δ > 10
into a clump, and stellar particles in a clump are assigned
to the grouped grids that contain the stars. Positions of the
identified clumps are defined as mass-weighted centres of the
grouped gas and stars. We exclude clumps within the central
region of R < 3 kpc to avoid bulges. Moreover, we ignore
clumps in the regions above the height of |z| = 5 kpc from
disc planes and outside the regions depicted in Figs 2 and
3 since they are not formed within the discs but accreting
from outer haloes.
Next, we compute a spherically averaged mass distribu-
tion mclump of the identified clump, where mclump is mass
of baryon and DM enclosed within a distance from the
clump centre. Similarly, we obtain the total mass distribu-
tion Mtot(r) of the whole system, where r is a galactocentric
distance. Assuming the identified clump to be in a circular
orbit, we can estimate a tidal radius rt of the clump as
rt = rclump
[
mclump(rt)/Mtot(rclump)
3− d lnMtot
d ln r
|rclump
] 1
3
, (A1)
where rclump is a galactocentric distance of the clump centre.
We can estimate escape velocities as a function of distances
from the clump centre by defining the gravitational poten-
tial of the clump to be Φclump|rt = 0. We remove matters
outside rt or whose velocities are higher than their escape
velocities. We finally compute the total masses of baryons
Mclump and DM MDM that are expected to be bound to
the clump. Accreting dwarf galaxies can be mixed in with
giant clumps in disc regions although they are only a few.
Because such ‘ex-situ’ clumps generally have large amounts
of bound DM (Mandelker et al. 2014), we exclude clumps
that indicate MDM/(Mclump + MDM) > 0.1. We define the
total mass of bound baryon Mclump to be the mass of the
clump.
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